We simulate the buoyant rise of a magnetic flux rope from the solar convection zone into the corona to better understand the energetic coupling of the solar interior to the corona. The magnetohydrodynamic model addresses the physics of radiative cooling, coronal heating and ionization, which allow us to produce a more realistic model of the solar atmosphere. The simulation illustrates the process by which magnetic flux emerges at the photosphere and coalesces to form two large concentrations of opposite polarities. We find that the largescale convective motion in the convection zone is critical to form and maintain sunspots, while the horizontal converging flows in the near surface layer prevent the concentrated polarities from separating. The foot points of the sunspots in the convection zone exhibit a coherent rotation motion, resulting in the increasing helicity of the coronal field. Here, the local configuration of the convection causes the convergence of opposite polarities of magnetic flux with a shearing flow along the polarity inversion line. During the rising of the flux rope, the magnetic energy is first injected through the photosphere by the emergence, followed by energy transport by horizontal flows, after which the energy is subducted back to the convection zone by the submerging flows.
Observations from satellites and ground-based telescopes find that the configuration of the magnetic field plays an important role in the solar eruptive events, i.e., Coronal Mass Ejections (CME) and solar flares (Canfield et al. 1999) . It is thus of great importance to study the building up of the magnetic field in the solar atmosphere, as it rises from the convection zone. However, the study of the transport of magnetic flux and energy has been hampered by the invisibility of subsurface structures. With the time-distance helioseismic analysis, Kosovichev (1996) and Zhao & Kosovichev (2003) provide a view on the horizontal and vertical flow velocities on the subsurface layers under sunspots and identify shear flows and rotation of the sunspots underneath the surface, which may build up the energy and helicity in the atmosphere.
Over the past decades, the development of numerical models have also greatly improved our understanding of the dynamics and energetics of magnetic flux emergence. Shibata et al. (1989) describes a two-dimensional magnetohydrodynamic (MHD) simulation on the emergence of a horizontal magnetic flux rope from the photosphere into the chromosphere using a two-layered atmosphere. Fan (2008) and Jouve & Brun (2009) carry out sets of anelastic MHD simulations on the buoyant rise of the magnetic flux tube from the base of convection zone to near the top, respectively. In particular, Fan (2008) shows the rotation of the flux tube driven by the Lorentz force at the two ends while the twisted tube is bent. Manchester & Low (2000) suggested that shearing motion driven by the Lorentz force draws the magnetic field parallel to the Polarity Inversion Line (PIL), which was demonstrated in simulations of emerging flux ropes (Fan 2001; Magara & Longcope 2003; Abbett & Fisher 2003; Manchester et al. 2004; Archontis & Török 2008; MacTaggart & Hood 2009 ). Magara & Longcope (2003) found that during emergence, energy flux through the photosphere is first dominated by the vertical flows while horizontal flows dominate the later phase. The energy transport of shear flows naturally provides an energy source for CMEs (Manchester 2007 (Manchester , 2008 . Simulations have also revealed that shear flows driven by the Lorentz force can produce eruptions in both magnetic arcades (Manchester 2003) and emerging flux ropes (Manchester et al. 2004 ; Archontis & Török 2008; MacTaggart & Hood 2009 ) providing further evidence of a mechanism for CMEs, flares and filament eruptions.
With the availability of more computational resources, numerical models are able to take into account the thermodynamic processes in the solar interior and atmosphere, and produce a realistic convection zone overlaid by a self-consistent upper atmosphere (Vögler et al. 2005; Stein & Nordlund 2006; Hansteen et al. 2006; Abbett 2007; Gudiksen et al. 2011) . Such Radiative MHD simulations on a larger scale (Rempel et al. 2009; Cheung et al. 2010) report the formation of the sunspots and active regions. Rempel et al. (2009); Rempel (2011) find outflows in the penumbral structure driven by the Lorentz forces at the surface and by the convective flows in the deeper layers. Cheung et al. (2010) simulates the formation of a pair of sunspots in an active region with a magnetic semi-torus advected through the bottom of the domain and finds the mass removal in the magnetic flux driven by the reconnection, and the migration of the flux due to horizontal flows. With the inclusion of turbulent convection (Fang et al. 2010) , it is shown that the transport of energy into the corona becomes even more critical as downdrafts return much of the magnetic energy back below the photosphere. This simulation treats the emergence of a weak axial flux of 3.3 × 10
19 Mx, which is quickly shredded and dispersed to the intergranular lanes by the convection motions.
These radiative MHD simulations illustrate the importance of turbulent convective flows in the emergence of the magnetic structures. In light of these previous results, we expand upon the work of Fang et al. (2010) by simulating the emergence of a larger twisted magnetic flux rope emerging from deeper in the convection zone, and study the energetics during its rise through the turbulent plasma to reside in the hot corona. With this work, we strive to more deeply understand the energetic coupling between the convection zone and the corona provided by the magnetic field. In the following sections, we present the results of our simulation. Section 2 describes the numerical methods and the simulation steps. In Section 3, we study the results by analyzing the evolution of the magnetic and energetic flux under the impact of the convective flows. Finally, we discuss the conclusions of our simulation and its implication on further simulations.
Numerical methods
For our simulation, the MHD equations are solved with the Block-Adaptive Tree Solar-wind Roe Upwind Scheme (BATS-R-US; Powell et al. (1999) ). Additional energy source terms are implemented to include the thermodynamic processes in the solar atmosphere, i.e. surface cooling at the photosphere, radiative cooling of the corona and magnetic flux-related heating in the corona (Abbett 2007) . We describe the radiative losses in the low-density corona as optically thin radiation and artificially extend the cooling function to treat the solar surface temperature as well. The coronal heating is approximated by Pevtsov et al. (2003) , which gives an empirical relationship between the heating rate and the unsigned magnetic flux at the photosphere. Our model neglects electron thermal conduction along magnetic field lines, since the simulations here focus on the transfer of energy and magnetic field from the convection zone to the corona. The application of a tabular, non-ideal equation of state takes account of the ionization and the excitation of particles in the dense and hot solar interior (Rogers 2000) . Horizontal boundary conditions are periodic, and the lower boundary condition sets the density and temperature of the same values found in the initial state of the atmosphere, while keeping the vertical momentum reflective across the boundary. The upper boundary is closed. The details of the model are described in Fang et al. (2010) .
Background Atmosphere
To develop the coronal model, we first extract the averaged state of the solar atmosphere from the model of Fang et al. (2010) , at a depth of 2.5 Mm below the photosphere. In the convection zone, the plasma is adiabatic as the heating source is absent and radiative cooling is negligible in the optically thick medium. The entropy is then nearly invariant throughout the deep convection zone. Here the deep convection zone is defined as deep in the simulation domain, which covers the upper 10% (20 Mm) depth of the solar convection zone. Under the assumption that the plasma is both isentropic and in hydrodynamic equilibrium, we solve the following equations for the structure of the atmosphere in the deep convection zone with the extracted values providing the upper boundary condition:
where p, ρ and g are the plasma pressure, mass density and gravitational acceleration. C is the average entropy value in the convection zone at z = −2.5 Mm. γ is the adiabatic index, which can be obtained from the tabular equation of state using the pressure and density values, p and ρ. For the purpose of our simulation here, the atmosphere is extended to 21 Mm below the photosphere by solving Equations 1 and 2. The stratification of the density and pressure of the extended atmosphere in the convection zone are found to be in agreement with that of Stein et al. (2011) This solution is then used as an initial condition for a one-dimensional calculation in which we apply the surface cooling. The plasma in the simulation domain then goes through an hour of thermal relaxation to form a supraadiabatic background atmosphere, which is unstable to convective motion. The next step is to perform the full 3-D simulation with the size of the domain set to 30 × 30 × 42 Mm 3 , extending 21 Mm below the surface and 21 Mm above in the vertical directions, while the horizontal area of the domain is comparable to the size of a small active region. In the supraadiabatically stratified atmosphere, convective motion starts immediately after a small energy perturbation, and relaxes over a period of roughly one turnover time of the convection extending to a depth of 21 Mm. After the convective motion has relaxed, we impose an initial vertical magnetic field B z of 1 G to the domain, and turn on the heating and radiative cooling term in the coronal region. With the magnetic-flux-related coronal heating term (Pevtsov et al. 2003) , the coronal temperature is heated up to 1 × 10 6 K within 2 hours.
The left panel in Figure 1 shows the averaged vertical stratification of the density and temperature in the simulation domain. The density drops by about 5 orders of magnitude from the bottom of the domain to the photosphere, and the temperature drops by 2 orders of magnitude. Above the photosphere, the density drops by another 7 orders of magnitude, and the temperature increases to 1 MK within 2 Mm. The strong variation in the atmospheric stratification puts large requirements on spatial resolution and restrictions on the explicit time step, given the high temperatures and subsequent sound speeds.
However, the application of the Adaptive Mesh Refinement in BATSRUS greatly facilitates the simulation in saving computational resources while keeping the necessary refinements to resolve the local turbulent structures. The grid size in our simulations has three levels of refinement with cubic cells of size 37.5 km, 75 km, and 150 km. The grid is refined in horizontal layers with higher resolution near the surface where temperature and density gradients are largest.
The right panel in Figure 1 shows the variation of the vertical velocity u z at z = −3
Mm. Red lines outline the regions with concentrations of B z field, which coincides well with the down-flowing area. The right panel in Figure 2 illustrates the structure of u z on a vertical cut of the convection zone. Small-scale down-flowing plasma merges and forms the large-scale persistent downdrafts in the deep convection zone. The large-scale downdrafts are very important in the formation of pores during the building up of the active region, discussed in Section 3.1.
Flux Rope
The stratification of the atmosphere in the simulation domain is maintained selfconsistently with the implementation of the thermodynamic processes in the model. The superadiabatic stratification provides an unstable background atmosphere for turbulent convective motion. As shown by Cheung et al. (2010) , convective motion plays an important role in the formation of the sunspots and active region. However, the role of the turbulent convection in the emergence of the magnetic flux has not been clearly understood yet, particularly at larger scales. The aim of our simulation here is thus to study the transfer of the energy and magnetic flux of the rope during its rise from the deep convection zone, and its interaction with the surrounding turbulent medium. So after the generation of the convection zone with a hot corona, we linearly superimpose a flux rope upon the ambient magnetic field in the deep convection zone, at z = −10 Mm, indicated by the dot-dashed line in the left panel of Figure 1 . The initial flux rope is centrally buoyant and twisted along the x− axis, as described in Fan (2001) and Manchester et al. (2004) by the following equations:
Here r is the distance from the axis of the rope, and a = 1 Mm, is the radius of Gaussian decay. q = −1.5, is the twisting factor. λ = 6 Mm, is the length of the buoyant section. 
Results
The flux rope is initially embedded in the deep convection zone, where it is buffeted by convective down-and up-flows. On the way from z = −10 Mm to the photosphere, the turbulent flows of various scales significantly reshape and redistribute the magnetic flux.
On the photosphere, the magnetic flux first emerges as many small-area bipoles, which then sort themselves to form two large concentrations of opposite polarities via coalescence. The formation of pores by the process of coalescence at the photosphere is revealed by both remote observations and previous numerical simulations (Vrabec 1974; Zwaan 1985; Cheung et al. 2010) . However, the mechanism that transfers the magnetic flux from the tachocline, which is believed to be the origin of the active region magnetic field, to the solar surface is still to be determined. To date, global scale simulations of the solar interior
can not yet resolve individual flux tubes. Here, we examine the evolution of the magnetic flux rope in the deep convection zone and the photospheric and coronal response to its emergence.
Formation of Pores
The horizontal flux rope at z = −10 Mm, shown by 
Rotation of the Pores
The magnetic flux rope travels through the 10 Mm distance and approaches the photosphere after 2.5 hours. Figure 6 shows the evolution of the structure of the shows a very coherent pattern of rotation on the negative polarity at t = 5 : 13 : 00, while on the positive pore on the left, the rotation is not obvious.
Sunspot rotation has long been observed and studied in detail and has been found in association with CMEs (Brown et al. 2003; Kazachenko et al. 2009 ). The rotation mechanism for sunspots found at work in our simulation was first described in Parker In Figures 6 and 7 , the positive polarity does not present a coherent rotation as the negative polarity. However, in Panel (c) and (d) of Figure 6 , we observe a strong flux cancellation in the region outlined by the rectangles from time t = 5 : 00 : 00 to t = 5 : 35 : 00. Cheung et al. (2010) reports that magnetic reconnection takes place within the U-loops formed by the convective downflows, which can remove the unsigned magnetic flux on the photosphere. In our simulation, the total amount of the magnetic flux that is cancelled is 10% of the total unsigned flux on the photosphere. The flux cancellation strongly interrupts the coherency of the rotation on the positive polarity. The horizontal velocity fields exhibit a converging flow at the two opposite polarities of the cancelled flux, both at the photosphere and in the convection zone, yielding a high gradient in the magnetic field. The close examination of the flux cancellation event will be the topic of a future paper. Another interesting feature we observe in our simulation is that the horizontal velocity field in Figure 7 shows a converging horizontal flow field around the magnetic flux region. This converging flow constrains the total area of the magnetic concentration, and thus prevents the magnetic pores from expansion and separation.
Energy Fluxes
The magnetic flux rope approaches the photosphere within 2.5 hours after its initialization, and the photospheric magnetic flux, i.e. the emerged flux, reaches its maximum value at time t = 5 : 11 : 00. Afterward, the magnetic pores start to decay slowly for the rest of the simulation. However, even at its maximum emergence, the magnetic flux rope is far from being fully above the photosphere. This is clearly shown by Panel (b) and (c) of Figure 4 , where the negative polarity is split into two parts, with one part emerging and forming pores while the other is sinking to the deep convection zone. The lower right panel of Figure 5 shows the 3-D magnetic field lines of the flux rope when it first approaches the photosphere. The red contour color over the field lines represents upflows while blue represents downflows. Only about half of the original flux rope is rising with upflows, while the other half remains almost stationary or sinks in the convection zone.
It is of great interest to study the mechanism for transporting the initial magnetic flux from the deep convection zone into the photosphere, where the magnetic pores appear, and further into the coronal region. Here we calculate the temporal evolution of the total unsigned magnetic flux at the photosphere (z = 0), z = −3 Mm and z = 3 Mm, shown by the upper panel of Figure 10 . At time t = 4 : 49 : 00, the magnetic flux at z = −3 Mm reaches its maximum value of 2.63 × 10 21 Mx, which is most of the total unsigned flux (3.04 × 10 21 Mx) when the flux rope is initially bent.
At the photosphere, at t = 5 : 11 : 00, the unsigned magnetic flux reaches its maximum of 1.37 × 10 21 Mx, 45% of the total initial flux. The unsigned flux at z = 3 Mm in the lower corona maximizes at t = 05 : 29 : 00 with a value of 8.00 × 10 20 Mx. The ratio of the emerged unsigned flux with respect to the total initial flux decreases with increasing altitudes, from 86% at z = −3 Mm to 26% at z = 3 Mm. The sharp decrease from the convection zone to the photosphere is caused by the down flows in the near-surface layers that tend to return flux to the deep convection zone.
The question then, is how the horizontal and vertical flows (driven both by convective motions and the Lorentz force) affect the emergence of magnetic flux and the transport of the magnetic energy. To address this question we next calculate the magnetic energy flux (Poynting flux) passing through three layers of the atmosphere: z = -3, 0, and 3 Mm using the following equations:
The lower panel of Figure 10 illustrates the temporal evolution of the Poynting energy flux associated with the horizontal and vertical motions. We find that the energy flux associated 
F emerge is negative in the magnetic polarities while postive in the areas between the polarities, where the magnetic flux is emerging. In the pores, the energy flow is instead dominated by the (Mikic & Linker 1994; Wu & Guo 1997; Antiochos et al. 1999) . A detailed analysis of this flux cancellation event will be the topic of a future paper.
Discussion and Conclusions
In Section 3.1 and 3.2, we examined the structures of the vertical and horizontal velocity fields separately and their influence on the emerging magnetic flux rope. The persistent large-scale downflows help form and maintain the bipolar pores of uniform polarity in the deep convection zone, while the small-scale downflows in the near-surface layers intensify the strength of the emerged flux tube by convective collapse, as suggested by Parker (1978) and found in previous simulations by Stein & Nordlund (2006) . At the photosphere, the horizontal flows act on the small newly-emerged bipoles, to not only separate opposite polarities, but also sort them into large pores of uniform polarity.
This coalescence of small-scale fluxes enables the formation of the magnetic pores with a unsigned flux of up to 1.37 × 10 21 Mx, which is limited by the scale of our simulation.
The horizontal flows of the magnetic pores exhibit a coherent rotation extending down to the deep convection zone, which is clearly driven by the Lorentz force as was found in earlier simulations (Longcope & Welsch 2000; Fan 2009 ). Our simulation illustrates that this rotation mechanism operates in a realistic convection zone but requires the coalescence of a well formed pore and that complex interactions that break the symmetry of the pore, the rotation, the separating motion of the bipoles, and the shearing motion along PILs.
The rotation and shearing both transfer the magnetic energy and helicity into the corona.
And it is the separating and shearing motions that build up the magnetic energy in the near-surface region, which is crucial for the eruptive events.
In our simulation, we also find an area with cancellation of magnetic flux up to 10 x − z plane of the convection zone with the inserted flux rope. (green) and 3 (red) Mm from time t = 2 : 00 : 00 to t = 8 : 00 : 00.
